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Figure 5. A schematic view of the different line-forming regions in the cir-
cumstellar disk surrounding a massive YSO. The CO is located in the dense
mid plane of the disk, while the hydrogen lines are emitted by the ionized
surface layer and/or disk wind.

spectra, a saturated absorption profile is present at −5.0 km s−1, relative to
the measured vLSR (Bronfman et al. 1996). In the spectrum of the R(4) line a
second absorption is present at +5.5 km s−1. This line is not present in the R(7)
spectrum but it appears even stronger in the R(0) line. This suggests that this
line is absorbed in very cold material of a few 10 K. The cold envelope detected
in the far-infrared observations of Karnik et al. (2001) is likely the material that
causes the saturated absorption profile of the 12CO lines. The other component
could be related to the source, but also to a cold molecular cloud in the line of
sight.

3. Summary and Evolutionary status

Several different diagnostic tools are discussed to obtain information about the
physical and kinematical properties of the circumstellar material. The different
diagnostics trace different physical conditions and therefore different locations
in the circumstellar environment of the massive YSOs. Based on the collection
of observations a sketch can be drawn on how the circumstellar environment of
the massive YSOs could look like. In Fig. 5, the different environments and their
distance to the central star are sketched. Note that not all the objects have all
the characteristics discussed here, some only show a subset of them.

Stellar photons ionise the surface layer of the inner disk, due to which
recombination is observed in the hydrogen and Hei lines; the radiation pressure
exerted onto the surface layer also drives matter away in the form of a disk wind.
In some objects the inner parts of the disk are so dense that the mid-plane can
become neutral as it is shielded for the UV photons. In these regions (the inner
5 – 10 AU) originates the CO bandhead emission showing evidence for Keplerian
rotation. Further out, the midplane of the disk cools even more and dust is
able to survive giving rise to a red SED observed in the mid-infrared. A few
objects show evidence for a cold dust component suggesting the presence of a
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1.  原始星大気	
	→サイズ/輝度温度/光度の直接決定	

	
2.  降着円盤内縁	
	→星表面への降着率/geometry	

	
3.	極小HII領域	
	→核融合開始はいつか？�



　1. 原始星大気の直接撮像	
(水沢VLBI観測所SKA検討WGより)	

�



原始星の直接撮像	
•  最も欲しいブレークスルー。	

	→星本体が見えれば大部分の物事が解決する	
	
•  “星形成”なのに星までたどり着いてない	

	→光球サイズはVLBIの分解能	
	 	 	 	 	 	 	 	 	と比べてもまだ小さい	

	
•  現状では間接的な研究	
　　SEDによる議論	

	 	→パラメータだらけ、データ点不足	
	

	時間変動現象	
	 	→観測手段に難あり、全天体ではできない 	 �



大質量原始星の進化�
•  高降着率では膨張	(Hosokawa+	2010)	

	光球サイズ	〜	100	Rsun	
	低温 Teff	<	104	K	(A型星相当)	

　 		大光度	105	Lsun	
	

•  進化パスは冷え方(=	geometry)に依存	
→エントロピーをどこで捨てるか？	
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Figure 1. Schematic figures of protostars with different accretion geometries: (a) spherically symmetric accretion and (b) cold disk accretion. In the spherical case
(a), the accretion flow directly hits the stellar surface forming an accretion shock front. If the flow is optically thick before reaching the surface, the photosphere is
located outside the stellar surface. Dust grains in the accretion envelope evaporate in a dust destruction front far outside the photosphere. In the cold disk accretion
case (b), gas predominantly accretes onto a circumstellar disk rather than the star. Accreting material settles onto the stellar surface through a geometrically thin layer
(or possibly through geometrically thin accretion columns—not shown). Heat brought into the star in the accretion flow radiates freely into space until the temperature
attains the photospheric value. Most of the stellar surface is unaffected by the accretion flow. The energy radiated away by the disk and/or accretion columns before
the material settles onto the star (the so-called accretion luminosity) needs to be accounted for separately from the intrinsic stellar luminosity.
(A color version of this figure is available in the online journal.)

Different geometries of the accretion flow will lead to dif-
ferent structures of the evolving protostar. For example, the
average entropy in the stellar interior reflects the history of en-
tropy brought into the star with the accreting material, which in
turn depends on the accretion geometry. For spherical accretion
at high accretion rates, the accretion shock front is embedded
inside the stellar photosphere and most of the high entropy cre-
ated at the accretion shock front is carried to the stellar surface.
This entropy is efficiently taken into the stellar interior with
high accretion rates (Paper I). As a result, the protostar has
a higher average entropy (compared to a non-accreting proto-
star), which leads to a very large radius—exceeding 100 R⊙
at maximum. With disk accretion, however, entropy is mainly
generated within the disk by viscous dissipation. Before the ac-
creted material reaches the stellar surface, a large fraction of
the generated entropy will be transported away by radiation. As
a result, entropy brought into the star with the accreting mate-
rial is significantly lower than in the spherical accretion case.
The average entropy within the star s is related to the stellar
radius as

R∗ ∝ M−1/3
∗ exp[const. × s]. (4)

This relation is derived by substituting the typical gas density
and pressure within a star of mass M∗ and radius R∗ (e.g., Cox
& Giuli 1968),

ρ ∼ M∗

R3
∗
, P ∼ G

M2
∗

R4
∗

, (5)

to the definition of specific entropy of ideal monotonic gas,

s = 3R
2µ

ln
(

P

ρ5/3

)
+ const., (6)

where R is the gas constant and µ is the mean molecular
weight. Equation (4) demonstrates that, for the same stellar
mass, the stellar radius is larger with the higher average entropy
in the stellar interior. Thus, we can naively expect that the
stellar radius is reduced with disk accretion. Contrary to this
expectation, however, calculations by YB08, adopting the cold
disk accretion, show that the radius of a massive protostar
exceeds 100 R⊙ at maximum as with the spherical accretion.
The goal of this paper is to explain why the outcomes are so
similar among the extreme cases of the spherical accretion and
cold disk accretion.

2.2. Cases Considered

Table 1 summarizes the cases considered in this study and
their input parameters. For simplicity, the protostellar evolution
is calculated with a constant given accretion rate for each
case. The adopted accretion rates range from 10−5 M⊙ yr−1

up to 4 × 10−3 M⊙ yr−1. Evolution for the accretion rate
Ṁ∗ = 10−3 M⊙ yr−1 is studied in detail. In addition to evolution
with cold disk accretion, we present several cases with spherical
accretion for comparison. Evolution via disk accretion at the
rates Ṁ∗ = 10−5 M⊙ yr−1 and 10−4 M⊙ yr−1 was also studied
by Palla & Stahler (1992). We consider protostellar evolution
with these low rates to compare our results with Palla & Stahler’s
results (see Appendix B.1).

The initial model in each case is constructed following
Stahler et al. (1980) or Palla & Stahler (1991) with the adopted
accretion rate and boundary conditions (also see Appendices
A.2 and B.2 in Paper I). The initial stellar mass M∗,0 is
taken as an arbitrary small value. The initial entropy profile
in the stellar interior is assumed as a function of the mass
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Figure 2. Evolution of a protostar via spherical accretion at a rate Ṁ∗ =
10−3 M⊙ yr−1 (case MD3-S, taken from Paper I). Upper panel: evolution of
the interior structure of the protostar. The gray-shaded areas denote convective
layers. The hatched areas indicate layers with active nuclear burning, where
the energy production rate exceeds 10% of the steady rate, 0.1LD,st/M∗ for
deuterium burning and 0.1L∗/M∗ for hydrogen burning. The thin dotted curves
show the locations of mass coordinates M = 0.1, 0.3, 1, 3, 10, and 30 M⊙.
Lower panel: evolution of the accretion timescale tacc (dashed line), and the
Kelvin–Helmholtz (KH) timescale tKH (solid line). In each panel, the shaded
background denotes the four evolutionary phases: (I) adiabatic accretion, (II)
swelling, (III) KH contraction, and (IV) main-sequence accretion phases.

times (adiabatic accretion). The average entropy within the star
increases with the accreted mass, which according to Equa-
tion (4) means that the stellar radius should also grow. This is
indeed the case in phases (I) and (II). As the average density
decreases and the temperature increases, the opacity decreases;
radiative heat transport becomes more efficient with increasing
stellar mass.

For M∗ ! 6 M⊙ (phase (II)) radiative heat transport is ef-
ficient enough to modify the entropy distribution within the
star. The deep interior (where ∂L/∂M > 0) loses entropy,
whereas the outer surface regions (where ∂L/∂M < 0) gain
a significant amount of entropy. This gain in entropy results
in the “bloating up” of the star up to !100 R⊙ at maximum.
Figure 3 shows that the boundary between the heat-losing inte-
rior and heat-gaining outer layer, namely, where ∂L/∂M = 0,
moves toward the stellar surface with increasing stellar mass.
Stahler et al. (1986) called this characteristic behavior of lumi-
nosity profiles a “luminosity wave.” The stellar surface luminos-
ity L∗ rapidly increases when the luminosity wave approaches
the stellar surface. After the luminosity wave passes through the
surface, the star can efficiently lose energy by radiation. The
star contracts to maintain virial equilibrium (KH contraction;
phase (III)). The interior temperature rises during the contrac-

tion. Active hydrogen burning begins when the central temper-
ature exceeds 107 K. After that, the stellar radius increases
following the mass–radius relation of main-sequence stars
(phase (IV)).

3.2. Case with Cold Disk Accretion

3.2.1. Fiducial Model

We now consider stellar evolution with cold disk accretion
at the same rate Ṁ∗ = 10−3 M⊙ yr−1 (case MD3-D). First, we
discuss the fiducial case with the 0.1 M⊙ initial model adopting
β = 1 in Equation (7). The top panel of Figure 4 shows the
evolution of the stellar radius and interior structure. We see
that the evolution differs from the spherical accretion case for
M∗ " 10 M⊙, as previously demonstrated by YB08 (also see
Appendix B.2 for comparison to YB08). For M∗ " 5 M⊙,
the stellar radius is much smaller than for spherical accretion.
An outer convective zone appears in this phase. The protostar
then abruptly inflates during the period 5 M⊙ " M∗ " 9 M⊙.
The maximum radius is ≃ 90 R⊙ for M∗ ≃ 10 M⊙, which
is comparable to the results of the spherical accretion case.
The stellar radius decreases for M∗ ! 10 M⊙, and then finally
follows the mass–radius relationship for main-sequence stars
when M∗ ! 30 M⊙. The evolution for M∗ ! 10 M⊙ is quite
similar to what we discussed above for spherical accretion.

We define the following four phases based on the evolutionary
features: (I) convection (M∗ " 5 M⊙), (II) swelling (5 M⊙ "
M∗ " 9 M⊙), (III) KH contraction (9 M⊙ " M∗ " 30 M⊙), and
(IV) main-sequence accretion phase (M∗ ! 30 M⊙). The top
panel of Figure 5 shows the evolution of the accretion timescale
and KH timescale. We note that tKH significantly decreases at
M∗ ≃ 6 M⊙, when the protostar rapidly inflates. The timescale
balance sharply changes from tacc ≪ tKH to tacc > tKH here.
As with spherical accretion, we attribute the sequence of the
evolutionary phases from (I) to (III) to the inversion of the
timescale balance. The lower panel of Figure 5 shows that this
change is due to the rapid increase of the stellar luminosity
L∗ caused by the decrease of opacity in the stellar interior
with increasing mass. The detailed evolution in each phase is
explained below.

Convection phase. The top panels of Figures 2 and 4 show
that the evolution at M∗ " 5 M⊙ is quite different between
the spherical accretion case and disk accretion case. In the
disk accretion case, the protostellar radius is about one-tenth
of the value obtained for spherical accretion. This is explained
by Equation (4) and the fact that the entropy content within the
star is much lower with disk accretion, a natural consequence
of the different accretion geometry. With spherically symmetric
accretion gas settles onto the star with high entropy generated
in the accretion shock front. For cold disk accretion, on the
other hand, the entropy of the accreting gas is reduced to the
value in the stellar atmosphere by the gas’ ability to radiate
into free space. Mass accretion hardly affects the average
entropy in the stellar interior for the case of cold disk accretion.
Equation (4) shows that the stellar radius decreases according to
R∗ ∝ M

−1/3
∗ in this case. We see this decrease for M∗ " 0.5 M⊙

in Figure 4.
Figure 4 shows that deuterium burning (D-burning) begins

when M∗ ≃ 0.4 M⊙. This is in stark contrast to the spherical
accretion case, where it begins much later (M∗ ≃ 6 M⊙), as
shown in Figure 7. This difference reflects the different evolution
of the maximum temperature within the protostar Tmax (middle
panel of Figure 4). The early rise of Tmax with disk accretion is
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when a main-sequence star undergoes rapid mass accretion
due to mass exchange in close binary systems. Kippenhahn
& Mayer-Hofmeister (1977) and Neo et al. (1977) consid-
ered the accretion of deuterium-free gas onto existing main-
sequence stars. The numerical method they adopted is basi-
cally the same as ours; the protostellar structure was numeri-
cally calculated with a freely radiating photospheric boundary
condition.

Figure 13 shows that the critical Eddington ratio for the
expansion is also L∗/LEdd ≃ 0.5 in the cold disk accretion
limit. Note that there is no additional luminosity component
Lacc here. The accretion luminosity is assumed to have already
radiated into free space before the accreted material settles onto
the star. The critical accretion rate in this case is derived as
follows. As explained in Section 3.2, the stellar luminosity
L∗ significantly rises in the swelling phase. The luminosity
comes from the release of gravitational energy after that.
Figure 13 shows that the stellar luminosity in this phase roughly
follows

L∗ ≃ 3 × LZAMS(M∗) (19)

in all cases considered. The stellar luminosity approaches
LZAMS(M∗) just before the arrival at the ZAMS at the rates
of 10−4 and 10−3 M⊙ yr−1. At the rate of 4 × 10−3 M⊙ yr−1,
however, L∗ approaches 0.5LEdd before reaching the ZAMS
and the abrupt expansion occurs. The stellar mass at which
L∗ ≃ 0.5LEdd is M∗ ≃ 45 M⊙ using Equation (19). In order
to avoid expansion the protostar has to reach the ZAMS with a
mass M∗,ZAMS ! 45 M⊙. This condition is transformed to that
for accretion rates with Equation (15),

Ṁ ! Ṁ∗,cr ≃ 2 × 10−3 M⊙ yr−1. (20)

The derived critical rate is comparable to that for spherically
symmetric accretion, as confirmed by our numerical calcula-
tions.

Our calculations suggest that a massive protostar significantly
bloats up and cannot reach the ZAMS by steady mass accretion if
the accretion rate is higher than a few 10−3 M⊙ yr−1. This feature
is independent of the accretion geometry. If mass accretion
completely shuts off as a result of the fast expansion of the
protostar, there will be an upper mass limit of pre-main-sequence
stars around several tens of M⊙, as discussed in Paper I.
Otherwise, mass accretion might continue in a non-steady
fashion. At least, it is certain that the radius of a massive protostar
reaches several hundreds of R⊙ at the high accretion rate. The
very large radius leads to a low effective temperature of the
protostar.

This is clearly seen with the evolution tracks in the
Hertzprung–Russell diagram (Figure 14). For case MD4x3-
SDm0.5, for example, the stellar luminosity exceeds 105 L⊙ for
M∗ " 18 M⊙, but the effective temperature is only Teff ! 104 K,
the value of a M∗ ! 2.5 M⊙ ZAMS star. The stellar UV lu-
minosity is very low for such low Teff . This is important for
the growth of an H ii region around the protostar (e.g., Hoare
& Franco 2007). Observationally, high-mass protostellar ob-
jects (HMPOs) are considered to be young forming massive
stars prior to the formation of an H ii region. However, a lot of
HMPOs have high infrared luminosity exceeding 104 L⊙ with-
out observable H ii regions (e.g., Sridharan et al. 2002; Beltrán
et al. 2006a; Beuther et al. 2007). There has been some specu-
lation regarding what hinders the growth of H ii regions around
these bright sources. ZAMS stars with such high luminosity
should ionize their surroundings. Some authors have proposed

Figure 14. Evolution tracks in the Hertzprung–Russell diagram for the different
accretion rates of Ṁ = 10−4 M⊙ yr−1 (case MD4-SDm0.1, dotted line),
10−3 M⊙ yr−1 (case MD3-SDm0.1, solid line), and 4 × 10−3 M⊙ yr−1 (case
MD4x3-SDm0.5, dashed line). The symbols on each track indicate the epochs
when the stellar mass reaches 1, 3, 5, 9, and 20 M⊙. The thick dot-solid line
presents the locii of ZAMS stars from Schaller et al. (1992). The open squares
on this line also mark the same stellar masses as above. The stellar radius is
constant along the thin dotted lines at R∗ = 1 R⊙, 10 R⊙, and 100 R⊙.

that rapid mass accretion quenches the growth of H ii regions
by increasing the gas density and recombination rate near the
protostar (e.g., Walmsley 1995). With disk accretion, however,
the H ii region would break out in the polar direction, where the
gas density decreases significantly after the material with low
angular momentum has accreted onto the star or been expelled
in an outflow.

Our calculations well explain the existence of such bright
HMPOs even with disk accretion. Massive stars accreting at
high rates bloat up; their UV luminosity is too low to form the
H ii region.

5. SUMMARY AND CONCLUSIONS

In this paper, we have studied the evolution of massive pro-
tostars with disk accretion at high rates of Ṁ∗ > 10−4 M⊙ yr−1.
We considered the limiting case of “cold” disk accretion,
whereby most of the stellar surface is not affected by the accre-
tion flow, and the accreting material brings a minimum amount
of entropy into the star. We calculated the evolution of protostars
in this limiting case by adopting the photospheric (freely radi-
ating) boundary condition. The calculated evolution was com-
pared and contrasted to the evolution with spherically symmet-
ric accretion, corresponding to the opposite limit, whereby the
accreting gas transports the maximum amount of entropy into
the star.

First, we considered in detail the evolution for Ṁ∗ =
10−3 M⊙ yr−1. The basic evolution via the cold disk accretion
is summarized as follows.

The entire evolution is divided into four evolutionary phases:
(I) convection, (II) swelling, (III) KH contraction, and (IV)
the main-sequence accretion phase. The evolution in the first
three phases varies with different initial models. Roughly
speaking, the stellar radius reaches its maximum 30–400 R⊙ for



Radio	Photosphereはどこか？�

•  ベテルギウスの例	
	電波帯での光球サイズ	
	→低周波程大、温度勾配を反映	
	 	 	 	 	(Lim	et	al.	1998)	
		

•  膨らんだ原始星も似た構造なら	
					Ropt	=	100	Rsun	
	 	　　　で	

										Rrad	=	1000	Rsun	〜	4.7	AU	
	 		

	　 			→視直径〜10	mas	@	1	kpc	
	 			→GHz帯なら分解可能	?	

Nature © Macmillan Publishers Ltd 1998

8

NATURE | VOL 392 | 9 APRIL 1998 575

letters to nature

Largeconvectioncells as the

sourceofBetelgeuse’s

extendedatmosphere

Jeremy Lim*, Chris L. Carilli

†
, Stephen M. White

‡
,

Anthony J. Beasley

†
& Ralph G. Marson

†

* Academia Sinica Institute of Astronomy & Astrophysics, PO Box 1-87, Nankang,
Taipei 115, Taiwan
† National Radio Astronomical Observatory, Socorro, New Mexico 87801, USA
‡ Department of Astronomy, University of Maryland, College Park,
Maryland 20742, USA
. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

Supergiant stars such as Betelgeuse have very extended atmospheres,
the properties of which are poorly understood. Alfvén waves1–4,
acoustic waves1,2,5–7 and radial pulsations8 have all been suggested
as likely mechanisms for elevating these atmospheres and driving
the massive outflows of gas seen in these stars: such mechanisms
would heat the atmosphere from below, and there are indeed
observations showing that Betelgeuse’s extended atmosphere is
hotter than the underlying photosphere9,10. Here we report radio
observations of Betelgeuse that reveal the temperature structure
of the extended atmosphere from two to seven times the photo-
spheric radius. Close to the star, we find that the atmosphere has
an irregular structure, and a temperature (3;450 6 850 K) consis-
tent with the photospheric temperature but much lower than that
of gas in the same region probed by optical and ultraviolet
observations10. This cooler gas decreases steadily in temperature
with radius, reaching 1;370 6 330 K by seven stellar radii. The
cool gas coexists with the hot chromospheric gas, but must be
much more abundant as it dominates the radio emission. Our
results suggest that a few inhomogeneously distributed large
convective cells (which are widely believed11–16 to be present in
such stars) are responsible for lifting the cooler photospheric gas
into the atmosphere; radiation pressure on dust grains that
condense from this gas may then drive Betelgeuse’s outflow.

We observed Betelgeuse for 11 hours on 21 December 1996 with
the Very Large Array (VLA) in its highest-resolution (A) config-
uration. At a wavelength of 7 mm, the angular resolution achieved is
sufficient to have resolved Betelgeuse’s optical disk, which subtends
the largest angular diameter of any star visible in the night sky from
the Northern Hemisphere. Because Betelgeuse’s radio emission is
purely thermal and optically thick (as demonstrated below), such
spatially resolved radio observations also act as a pure thermometer
of the stellar atmosphere. This is in contrast to observations in the
ultraviolet continuum or optical and ultraviolet spectral lines,
where the gas temperature is derived by comparison with theoretical
model atmospheres. The VLA is at present equipped with 7-mm
receivers on 13 of its 27 antennas. We used the remaining 14
antennas to observe at the longer wavelengths of 1.3, 2, 3.6 and
6 cm, where we found Betelgeuse to be partially resolved. Figure 1
shows the final image obtained at 7 mm. Betelgeuse’s atmosphere
becomes opaque at very different heights when observed at different
wavelengths, and at 7 mm the average diameter is approximately
twice that measured in the optical. The radio surface is clearly not
spherically symmetric, nor does it appear to be axially symmetric.

To quantify the total flux and area of the 7-mm surface and hence
its brightness temperature, we fitted circular and elliptical disks to
the measured visibilities. The best fit was provided by a uniformly
bright ellipse with dimensions of 95 6 2 mas 3 80 6 2 mas at a
position angle of 678 6 78 (measured east from north), and a total
flux density of 28:0 6 5:6 mJy; the uncertainty in the flux measure-
ments is dominated by the uncertainty in the absolute flux calibra-
tion of the VLA at 7 mm, estimated to be 620%. Although this

model ellipse does not provide a perfect fit to the observed disk
structure, the residuals are small and approximately cancel in flux
indicating that the total flux and area of the fitted ellipse never-
theless closely match that of the observed stellar radio disk. The
implied brightness temperature is 3;450 6 850 K (the uncertainty
here, dominated by the uncertainty in the absolute flux calibration,
represents extreme limits; elsewhere the quoted uncertainty refers
to 61j), consistent with the stellar phospheric temperature of
,3,600 K (ref. 17). At the longer radio wavelengths—where
Betelgeuse’s atmosphere appears increasingly large while our
angular resolution becomes progressively poorer—we derived just
the average diameter and total flux density of the stellar radio disk
by fitting uniformly bright circular disks to the measured visibilities
at each wavelength. The increase in size with radio wavelength
implies that the observed radio surfaces are optically thick, and
hence have brightness temperatures reflecting the local gas tempera-
ture. In Fig. 2 we plot the measured brightness temperature of
Betelgeuse’s atmosphere as a function of stellar radius. The tem-
perature of the atmosphere can be seen to decrease steadily with
increasing radius from 3;450 6 850 K at ,2R* to 1;370 6 330 K at
,7R* (here R* is the radius of the photosphere).

Our results are at odds with current theoretical and empirical
models for the structure and temperature of Betelgeuse’s atmosphere.
Theoretical models which invoke the dissipation of Alfvén waves1–4,
shocks produced by acoustic waves1,2,5–7, or shocks produced by
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Figure 1 An image of Betelgeuse’s atmosphere observed at a wavelength of

7mm with the VLA. The angular resolution of this observation is 40mas (blue

circle at bottom left corner). White contour lines are plotted at 10%, 20%, …,90%,

and 99% of the peak flux of the false-colour radio image. Betelgeuse’s 7-mm

surface has an average diameter approximately twice as large as its optical

surface of diameter 45mas (black circle with its centre placed coincident with the

intensity-weighted centre of the radio disk), and is clearly not spherically

symmetric. To make this image, we removed fast tropospheric phase fluctuations

using a newly implemented ‘‘fast-switching’’ observing mode24 at the VLA which

allowed us to observe a nearby calibrator frequently without losing too much

observing time. We therefore switched between Betelgeuse and an unresolved

extragalactic object, 05528 þ 03135 (used as our calibrator), located 4.28 away,

with a cycle time of only ,2.5min. To check the effectiveness of the amplitude and

phase corrections, we also switched between 05528 þ 03135 and another

unresolved extragalactic object, 05326 þ 07327 (used as our control source),

located 5.38 away, at two intervals during the observation with the same cycle

time; this yielded an unresolved image for the control source. We set the flux

density scale using the primary flux calibrator 3C286. The final image includes a

single iteration in phase self-calibration to correct for small residual phase errors:

this self-calibrated image has a ,60% lower noise fluctuation level than the

original image (consistent with the overall system noise), but is morphologically

identical. Also, the final image was constructed using natural weighting of the

visibilities but restored with a synthesized beam of size corresponding to that

obtained using uniform weighting. The uniform weighted image is identical

except for a slightly (35%) higher noise level, demonstrating the robustness of

our conservative implementation of the super-resolution technique.
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radial pulsations8 to elevate the stellar atmosphere all predict a
globally spherically symmetric structure, contrary to that in fact
observed. Empirical models constructed to fit previous ultraviolet
and radio data predict a spatially extended hot chromosphere18,19,
consistent with the idea that strong heating at low heights elevates
the stellar atmosphere. The ultraviolet image of Betelgeuse taken
with the Hubble Space Telescope (HST) clearly shows its
chromosphere to have a diameter of 125 6 6 mas in the continuum
at 2,550 Å, which is inferred to be formed at a temperature of
,5,000 K (ref. 10). Our radio measurements, however, show that
the hot chromospheric gas is not the only component at this height
in Betelgeuse’s atmosphere. The 2,550 Å height is above that which
we probed at 7 mm, but is almost identical to that probed at 1.3 cm
(diameter of 114 6 4 mas). The temperature measured at 1.3 cm,
however, is only 3; 180 6 350 K, formally below the photospheric
temperature. From scans of the ultraviolet disk with the HST, the
chromosphere observed in the Mg II h and k emission lines is
inferred to extend to an even larger diameter of at least 270 mas
(ref. 9). This surface is roughly comparable in diameter to that
which we and others19 have probed at 6 cm (diameter of
310 6 30 mas), but here the temperature measured in radio is just
1;370 6 330 K. An earlier speckle image of Betelgeuse’s chromosphere
observed in the Ha absorption line, which should be formed at a
slightly higher temperature than the 2,550 Å continuum, showed a
diameter of ,95 mas (ref. 20). This is comparable in diameter to
our 7-mm measurement, but again the temperature measured in
radio is much lower than is required for Ha absorption. Clearly,
there are significant differences over the same height range between
the temperature of the atmosphere inferred from optical and
ultraviolet observations and the temperature directly measured in
our radio observations.

We therefore conclude that the relatively cool gas responsible
for the observed stellar radio emission spans the same height
range as the hotter gas responsible for the optical and ultraviolet
chromospheric signatures. To determine the conditions under

which the cooler gas component could dominate the observed
radio emission, we refer to the recent work by Reid and Menten21

who studied the radio opacity of late-type giant star atmospheres.
They showed that the radio opacity of gas at a temperature
significantly below 4,000 K is provided by the interactions of
electrons, obtained predominantly from elements with low ioniza-
tion potentials such as potassium and sodium, with neutral atomic
and molecular hydrogen. At temperatures above 4,000 K, corre-
sponding to that of the hot chromospheric gas, scattering of
electrons by protons (that is, ionized hydrogen atoms) provides
the dominant source of radio opacity. As the electron–neutral
absorption per neutral particle is a factor of about 103 smaller
than the electron–ion free–free absorption per ion, the preferential
detection of the cooler gas component in our radio observations
implies that it must be more than 3 orders of magnitude more
abundant than the chromospheric gas. Under these circumstances,
it seems unlikely that the diffuse chromospheric gas plays an
important role in elevating Betelgeuse’s atmosphere.

Instead, the irregular structure and predominantly low tempera-
tures of Betelgeuse’s atmosphere suggest the following alternative
mechanisms for elevating its atmosphere and driving its mass
outflow. Over 20 years ago, Schwarzschild11 proposed that late-
type giant and supergiant stars possess very large convection cells, a
few of which may be present on the stellar surface at any one time.
The existence of such large convection cells has since gained wide
acceptance in order to explain the polarized optical light commonly
seen from these stars (see ref. 12 and references therein), as well as
photospheric bright spots seen on the few red supergiants
imaged13–16, most notably Betelgeuse. Optical images of Betelgeuse
show that the morphology of its photosphere changes with time, but
at any given time can be well fitted by the superposition of one or
more bright spots (which are not always required) on a circular
stellar disk13–16. The HST ultraviolet image of Betelgeuse’s
atmosphere also appears to show a bright spot superposed on a
circular disk10. Such large convection cells could elevate photo-
spheric material into the stellar atmosphere11,16 and, if distributed
inhomogeneously over the stellar surface, produce an asymmetric
atmospheric structure.

The elevation of photospheric material into the stellar atmosphere
naturally explains our measurements of photospheric-like tempera-
tures at small stellar radii, while the smooth decrease in temperature
with increasing radius may represent expansion and cooling of the
elevated material. Radiation pressure on dust grains condensed
from the dense cool gas could then drive Betelgeuse’s massive
outflow. This mechanism has long been postulated for driving the
massive cool outflows of late-type giant and supergiant stars22, but
faces severe difficulties if an extended inner region of the stellar
atmosphere is entirely heated to chromospheric temperatures. Dust
grains would then be required to form at relatively large stellar radii,
where the gas density may in fact be too low for dust to condense
effectively, or where radiation pressure may not be sufficiently
intense to drive a massive outflow even if dust formation is possible.
These problems are alleviated on Betelgeuse by the presence of dense
cool gas in its inner atmosphere; indeed, dust has been detected to
form episodically at radii as small as ,4R* (ref. 23). We note that the
vigorous expulsion of gas into Betelgeuse’s atmosphere would
be expected to produce shock waves16, which could heat
localized but spatially distributed (and therefore extended) regions
of its atmosphere to chromospheric temperatures. M
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Figure 2 The temperature profile of Betelgeuse’s atmosphere measured at the

radio wavelengths indicated below each point. All the points have 61j error bars,

except for the 7-mm data point where the error bar with arrows indicate extreme

limits (see text). The photospheric radius of 22.5mas (ref. 17) is indicated by a

dotted line, and the photospheric temperature of 3,600K (ref.17) is indicated by a

dashed line. The stellar radius at 7mm corresponds to the average radius

measured in the spatially resolved image of Fig. 1. At the longer radio wave-

lengths, we derived the stellar radius by fitting a uniformly bright circular disk to

the measured visibilities at each wavelength. The brightness temperature at each

wavelength was calculated using the equation Tb ¼ 2:0SmJyðlcmÞ2=ðvmajvminÞ K,

where SmJy is the total flux density, lcm is the observing wavelength, and vmaj

and vmin are the major and minor axes of the stellar radio disk, respectively, in

arcseconds. We note that the derived brightness temperature is independent of

any assumptions such as the distance to the star.



放射機構は何か？�

•  いわゆるH-	free-free	
	 	

	→H,	H2とe-の散乱	
	 	(e.g.,	Reid	&	Menten	1997)	
		

							<	4000	Kでは低電離度のため	
	 	 	 			free-freeよりも効く	

	
•  Orion	KLの円盤でも見られる (?)	
					→他のYSOでも星近傍では	

	　 数千Kのガスが観測されている	
	 	 					(e.g.,	Bik	et	al.	2008)	

	

No. 1, 1997 LONG-PERIOD VARIABLE STARS 337

FIG. 5.ÈIon density vs. temperature. The density of the four most
important ions supplying free electrons are plotted with solid lines, and the
total density of free electrons is plotted with a dotted line. The calculations
assumed thermodynamic equilibrium using the Saha equation, a total
hydrogen density of 1012 cm~3, and solar abundances.

mostly atomic and/or molecular, and the LTE abundance
of H` will be very low. Under these conditions, free elec-
trons come mostly from the ionization of metals, as dis-
cussed in We now consider the interaction of free° 4.2.1.
electrons with neutral hydrogen atoms and molecules, i.e.,
H~ and free-free opacity. (Note that the terms H~ andH2~free-free are used even though the interactions do notH2~involve bound states of a negative ion.) & LaneDalgarno

provide formulas for the absorption coefficients for(1966)
these interactions, which should be very accurate at low
temperatures (\3000 K) and long wavelengths ([3 km).
We numerically evaluated equation (20) of Dalgarno &
Lane for the absorption coefficients at a frequency of 10
GHz, i(10 GHz), for temperatures between 1000 and 3000
K, and –tted them with third-order polynomials in tem-
perature, T : i(10 ForGHz) \ a0 ] a1T ] a2T 2 ] a3T 3.
H~ opacity, we –nd a0 \ ]3.376 ] 10~17, a1 \ [2.149
] 10~20, anda2\]6.646]10~24, a3\[7.853]10~28.
For opacity, we –ndH2~ a0 \ ]8.939 ] 10~18, a1 \
[3.555 ] 10~21, anda2 \ ]1.100 ] 10~24, a3 \ [1.319
] 10~28. For T in units of kelvins, the above polynomials
return i(10 GHz) in units of cm4 dyn~1. The polynomial
expansions are accurate to better than 0.6% over the –tted
temperature range. These absorption coefficients are pro-

portional to the inverse square of the frequency from essen-
tially 0 to 1013 Hz (30 km), to better than 1%, and to 1014
Hz (3 km), with about a 10% error. Thus, the polynomial
equations for H~ and opacities can be easily extendedH2~to other frequencies.

We –nd that, while the electron-ion free-free (thermal
bremsstrahlung) absorption per ion exceeds the electron-
neutral free-free absorption per neutral particle by a factor
of about 103, the neutral hydrogen densities exceed the ion
densities by a factor of about 107, for the low temperatures
appropriate for the radio photosphere. Thus, H~ and H2~free-free interactions provide roughly 104 times higher
opacity than electron-ion interactions and are the dominant
opacity source in the radio photosphere.

displays the optical depth for H~ and free-Figure 6 H2~free absorption as a function of temperature for a total
density of 2 ] 1012 atoms cm~3 and path length of
3 ] 1012 cm (0.2 AU). (In we show that these param-° 4.3,
eter values reproduce our observations well.) This calcu-
lation assumes the equilibrium abundances of atomic and
molecular hydrogen, based on the dissociation constants of

(Note that two tabular entries of Tsuji appearTsuji (1964).
to have been typeset in error by 1 order of magnitude, and

FIG. 6.ÈOpacity at 10 GHz vs. temperature. H~ and free-freeH2~opacities, resulting from the interactions of free electrons with neutral H
atoms and molecules, are indicated with a dotted line and a dash-H2dotted line, respectively. Opacities are for a uniform slab of total (H ]

density of 2 ] 1012 cm~3 and a thickness (path length) of 3 ] 10122H2)cm (0.2 AU). The solid line is the total opacity.



予想されるFlux�

•  ベテルギウスの例を当てはめる	
				可視光球サイズ100	Rsun、1kpcとすると...	
						Freq							 		Teff 			 	視直径							Flux	
		20	GHz		 	3200	K	 		2.5	AU		 	4.5	μJy	

						15	GHz		 	2800	K	 		3.0	AU			 	3.2	μJy	
		10	GHz		 	2500	K	 		3.8	AU			 	2.0	μJy	

								6	GHz		 	1500	K 		6.4	AU		 	1.2	μJy	
	

　 	→1	μJy	@	5σなら行けそう？	
	→そもそももう少し高温の可能性もあり？	

	



どんなメリットがあるのか？�

•  高降着率下での原始星進化パスの決定	
　　→理論モデルの直接証明	
	
•  多周波でサイズと輝度分布を測定	

	→原始星内部の温度分布	
	→重要パラメータの多くが決定可能	
	 	(SED頼みの不定性の多い議論から脱却)	

	
•  固有運動測定可能	

	→降着系内での星団/連星系の軌道	
	→Global	Collapse	/	Compellve	Accrelonモデルへ制限	

	



どんな天体がターゲットか？�

必要条件	
1. 比較的近傍(<	2	kpc)で	
2.	Massive	IRDC内で最初に作られる天体の	
3. 膨張時期(t	〜a	few	x	103	–	104	yr)	
	

				→主降着期の期間を〜a	few	x	105	yrとすると	
	 	 	 	 	 	全MYSOの1-10%ぐらいはいてもいい？	

	

　 →高分解能かつ広視野での探査が必要	
	
具体的には	
•  明るいHerschel点源を含むMassive	IRDCを狙う?	
•  原始星脈動の予想時期に一致	(Inayoshi	+	2013)	
　→周期変動メタノールメーザー源	

	 											かつHII領域不在の天体を狙うと確率up?	
	
�



2.	降着円盤内縁	(降着流)の撮像	
�



円盤内縁(〜10	AU)の近赤外線観測	
	(e.g.,	Bik+	2008,	Wheelwright+2010	) �

•  CO-bandhead輝線	
	（Tk	〜	3000	K)	
	→晩期星の表面温度くらい	
	→H-	free-freeで見える？	

	
•  視直径は大きめ(〜10	au)	
　→輝度温度感度を稼げる	
	
•  スペクトル形状はケプラー

円盤で再現可能	
	
•  空間的には未分解	
		 �

84 Bik et al.
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Envelope, traced by mid−infrared emission

Inner disk, traced by NIR line emission

photo−evaporated by the central star

Figure 5. A schematic view of the different line-forming regions in the cir-
cumstellar disk surrounding a massive YSO. The CO is located in the dense
mid plane of the disk, while the hydrogen lines are emitted by the ionized
surface layer and/or disk wind.

spectra, a saturated absorption profile is present at −5.0 km s−1, relative to
the measured vLSR (Bronfman et al. 1996). In the spectrum of the R(4) line a
second absorption is present at +5.5 km s−1. This line is not present in the R(7)
spectrum but it appears even stronger in the R(0) line. This suggests that this
line is absorbed in very cold material of a few 10 K. The cold envelope detected
in the far-infrared observations of Karnik et al. (2001) is likely the material that
causes the saturated absorption profile of the 12CO lines. The other component
could be related to the source, but also to a cold molecular cloud in the line of
sight.

3. Summary and Evolutionary status

Several different diagnostic tools are discussed to obtain information about the
physical and kinematical properties of the circumstellar material. The different
diagnostics trace different physical conditions and therefore different locations
in the circumstellar environment of the massive YSOs. Based on the collection
of observations a sketch can be drawn on how the circumstellar environment of
the massive YSOs could look like. In Fig. 5, the different environments and their
distance to the central star are sketched. Note that not all the objects have all
the characteristics discussed here, some only show a subset of them.

Stellar photons ionise the surface layer of the inner disk, due to which
recombination is observed in the hydrogen and Hei lines; the radiation pressure
exerted onto the surface layer also drives matter away in the form of a disk wind.
In some objects the inner parts of the disk are so dense that the mid-plane can
become neutral as it is shielded for the UV photons. In these regions (the inner
5 – 10 AU) originates the CO bandhead emission showing evidence for Keplerian
rotation. Further out, the midplane of the disk cools even more and dust is
able to survive giving rise to a red SED observed in the mid-infrared. A few
objects show evidence for a cold dust component suggesting the presence of a

Infrared View of Disks around Massive Young Stars 81

Figure 2. Observed CO bandhead profiles from two massive YSOs (Bik &
Thi 2004). The top spectra are the observed spectra, the bottom spectra are
the best fitting models. These models indicate that the CO is located in a
circumstellar disk within 5 – 10 AU from the central star.

circumstellar environments, Lenorzer et al. (2002) used the observed line ratios
of massive stars with a known circumstellar geometry (Fig. 1b). Three different
types of objects were chosen; Luminous Blue Variables (LBVs), evolved massive
stars with a very strong stellar wind, B[e] stars with an equatorially flattened
dense stellar wind or disk and the Be stars with an optically thick, geometrically
thin ionized disk. The location of these respective objects is plotted in Fig. 1b as
circles. The Be stars fall as expected close to the optically thick location while
the LBV stars are located more in the direction of the optically thin material.

We observed a sample of 12 massive YSOs in the L-band with ISAAC at the
VLT (Fig. 1a) and measure the line ratios to compare them with the location
of the well studied massive stars in the diagram. In Fig. 1b the massive YSOs
which have all the three hydrogen lines in their spectrum are overplotted on the
diagram.

The location of the massive YSOs overlaps that of the B[e] and Be stars.
First this confirms that the ionized emitting region of the massive YSOs is, at
least partially, confined into a disk. The span in location implies large differences
from object to object for the averaged densities of the ionized circumstellar gas.

A possible explanation for this is that some objects are surrounded by a
geometrically thin and confined disk (similar to Be disk) while others have disks
that are more puffed up as expected when the disk is under the process of being
photo-evaporated.

2.2. CO first overtone emission

Additional to the ionized lines, lines emitted by neutral species are observed in
the spectra of massive YSOs. Among the most prominent features in the near-
infrared are the CO first-overtone emission lines. These bands are observed in
about 25% of all the massive YSOs (e.g Chandler et al. 1993, 1995; Bik & Thi
2004; Blum et al. 2004). The CO bandheads are emitted in neutral material
with temperatures between 2000 and 5000 K and densities of about 1010 cm−3.



前主系列星近傍の場合	
(Hartmann	et	al.	2016) �

AA54CH05-Hartmann ARI 26 August 2016 6:43

Accretion shock
Accretion flows

Inner 
gas disk

Hot continuum 
emission (T ≈ 8,000 K);
some narrow lines;
X-rays?

Broad emission lines
(T ≈ 104 K)

Inner hot 
dust wall

?
?

?

Dusty disk

Disk wind/jet Low-velocity 
disk wind?

Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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星表面への降着パスは？	
(低質量星の場合）�

•  Takasao	et	al.	(2018)	
	→円盤に捻られた増幅磁場ではね上げられた	
	 	 	 	 	 	 	 	 	ガスが極圏へ降着(Non-Radial)	
		→弱磁場でも増幅されるのでOK	=	大質量星でもOK?	

Fast funnel-wall accretion onto a weakly-magnetized star 15

Figure 14. Snapshot of funnel-wall accretion flows onto the central star at t = 285tK0. The central star is shown as the
central sphere, and the inner disk is colored with the value of plasma β. The blue regions indicate the fast accreting material
(vr < −0.2vK0). Arrows denote the direction of velocity vectors.

Figure 15. 3D structure of magnetic fields threading accretion streams at t = 285tK0. The blue regions indicate the fast
accreting material (vr < −0.2vK0). Two lines denote magnetic field lines dragged by accretion matters.

spot pattern largely varies with time, but patchy accretion spots with a large velocity are always present. The bottom
panel displays the kinetic energy flux of the accreting matter (ρv3r , only the regions with vr < 0 is visualized), which
shows that the fast accreting matters inject a large kinetic energy flux. Regions with a large kinetic energy flux could
be observed as hot spots.
Figure 17 shows the temporal evolution of the maximum accretion velocity measured at the stellar surface. The

plot indicates that the maximum speed is highly time-variable, but typically close to the Keplerian velocity at the



何がわかる？�

•  原始星表面への降着率/Geometryの推定	
	→原始星進化へ決定的な影響	

	
•  原始星大気と降着流の境界はどこ？	
	→星が膨らんでいれば降着衝撃波が	
	 	 	 	 	 	 	”Hot	Spot”として見える？	

	
•  そもそも降着流が邪魔で星が見えない？	
�



3.	極小HII領域	
�



大質量原始星の進化�
•  高降着率では膨張	(Hosokawa+	2010)	

	→核融合開始の質量が大きくなる	
	 	 	 	 	 	（最大で30	Msun?)	

	
•  天体ごとの個性がどの程度効くのか？	

	→降着率/Geometryの多様性	
480 HOSOKAWA, YORKE, & OMUKAI Vol. 721

Figure 1. Schematic figures of protostars with different accretion geometries: (a) spherically symmetric accretion and (b) cold disk accretion. In the spherical case
(a), the accretion flow directly hits the stellar surface forming an accretion shock front. If the flow is optically thick before reaching the surface, the photosphere is
located outside the stellar surface. Dust grains in the accretion envelope evaporate in a dust destruction front far outside the photosphere. In the cold disk accretion
case (b), gas predominantly accretes onto a circumstellar disk rather than the star. Accreting material settles onto the stellar surface through a geometrically thin layer
(or possibly through geometrically thin accretion columns—not shown). Heat brought into the star in the accretion flow radiates freely into space until the temperature
attains the photospheric value. Most of the stellar surface is unaffected by the accretion flow. The energy radiated away by the disk and/or accretion columns before
the material settles onto the star (the so-called accretion luminosity) needs to be accounted for separately from the intrinsic stellar luminosity.
(A color version of this figure is available in the online journal.)

Different geometries of the accretion flow will lead to dif-
ferent structures of the evolving protostar. For example, the
average entropy in the stellar interior reflects the history of en-
tropy brought into the star with the accreting material, which in
turn depends on the accretion geometry. For spherical accretion
at high accretion rates, the accretion shock front is embedded
inside the stellar photosphere and most of the high entropy cre-
ated at the accretion shock front is carried to the stellar surface.
This entropy is efficiently taken into the stellar interior with
high accretion rates (Paper I). As a result, the protostar has
a higher average entropy (compared to a non-accreting proto-
star), which leads to a very large radius—exceeding 100 R⊙
at maximum. With disk accretion, however, entropy is mainly
generated within the disk by viscous dissipation. Before the ac-
creted material reaches the stellar surface, a large fraction of
the generated entropy will be transported away by radiation. As
a result, entropy brought into the star with the accreting mate-
rial is significantly lower than in the spherical accretion case.
The average entropy within the star s is related to the stellar
radius as

R∗ ∝ M−1/3
∗ exp[const. × s]. (4)

This relation is derived by substituting the typical gas density
and pressure within a star of mass M∗ and radius R∗ (e.g., Cox
& Giuli 1968),

ρ ∼ M∗

R3
∗
, P ∼ G

M2
∗

R4
∗

, (5)

to the definition of specific entropy of ideal monotonic gas,

s = 3R
2µ

ln
(

P

ρ5/3

)
+ const., (6)

where R is the gas constant and µ is the mean molecular
weight. Equation (4) demonstrates that, for the same stellar
mass, the stellar radius is larger with the higher average entropy
in the stellar interior. Thus, we can naively expect that the
stellar radius is reduced with disk accretion. Contrary to this
expectation, however, calculations by YB08, adopting the cold
disk accretion, show that the radius of a massive protostar
exceeds 100 R⊙ at maximum as with the spherical accretion.
The goal of this paper is to explain why the outcomes are so
similar among the extreme cases of the spherical accretion and
cold disk accretion.

2.2. Cases Considered

Table 1 summarizes the cases considered in this study and
their input parameters. For simplicity, the protostellar evolution
is calculated with a constant given accretion rate for each
case. The adopted accretion rates range from 10−5 M⊙ yr−1

up to 4 × 10−3 M⊙ yr−1. Evolution for the accretion rate
Ṁ∗ = 10−3 M⊙ yr−1 is studied in detail. In addition to evolution
with cold disk accretion, we present several cases with spherical
accretion for comparison. Evolution via disk accretion at the
rates Ṁ∗ = 10−5 M⊙ yr−1 and 10−4 M⊙ yr−1 was also studied
by Palla & Stahler (1992). We consider protostellar evolution
with these low rates to compare our results with Palla & Stahler’s
results (see Appendix B.1).

The initial model in each case is constructed following
Stahler et al. (1980) or Palla & Stahler (1991) with the adopted
accretion rate and boundary conditions (also see Appendices
A.2 and B.2 in Paper I). The initial stellar mass M∗,0 is
taken as an arbitrary small value. The initial entropy profile
in the stellar interior is assumed as a function of the mass
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Figure 2. Evolution of a protostar via spherical accretion at a rate Ṁ∗ =
10−3 M⊙ yr−1 (case MD3-S, taken from Paper I). Upper panel: evolution of
the interior structure of the protostar. The gray-shaded areas denote convective
layers. The hatched areas indicate layers with active nuclear burning, where
the energy production rate exceeds 10% of the steady rate, 0.1LD,st/M∗ for
deuterium burning and 0.1L∗/M∗ for hydrogen burning. The thin dotted curves
show the locations of mass coordinates M = 0.1, 0.3, 1, 3, 10, and 30 M⊙.
Lower panel: evolution of the accretion timescale tacc (dashed line), and the
Kelvin–Helmholtz (KH) timescale tKH (solid line). In each panel, the shaded
background denotes the four evolutionary phases: (I) adiabatic accretion, (II)
swelling, (III) KH contraction, and (IV) main-sequence accretion phases.

times (adiabatic accretion). The average entropy within the star
increases with the accreted mass, which according to Equa-
tion (4) means that the stellar radius should also grow. This is
indeed the case in phases (I) and (II). As the average density
decreases and the temperature increases, the opacity decreases;
radiative heat transport becomes more efficient with increasing
stellar mass.

For M∗ ! 6 M⊙ (phase (II)) radiative heat transport is ef-
ficient enough to modify the entropy distribution within the
star. The deep interior (where ∂L/∂M > 0) loses entropy,
whereas the outer surface regions (where ∂L/∂M < 0) gain
a significant amount of entropy. This gain in entropy results
in the “bloating up” of the star up to !100 R⊙ at maximum.
Figure 3 shows that the boundary between the heat-losing inte-
rior and heat-gaining outer layer, namely, where ∂L/∂M = 0,
moves toward the stellar surface with increasing stellar mass.
Stahler et al. (1986) called this characteristic behavior of lumi-
nosity profiles a “luminosity wave.” The stellar surface luminos-
ity L∗ rapidly increases when the luminosity wave approaches
the stellar surface. After the luminosity wave passes through the
surface, the star can efficiently lose energy by radiation. The
star contracts to maintain virial equilibrium (KH contraction;
phase (III)). The interior temperature rises during the contrac-

tion. Active hydrogen burning begins when the central temper-
ature exceeds 107 K. After that, the stellar radius increases
following the mass–radius relation of main-sequence stars
(phase (IV)).

3.2. Case with Cold Disk Accretion

3.2.1. Fiducial Model

We now consider stellar evolution with cold disk accretion
at the same rate Ṁ∗ = 10−3 M⊙ yr−1 (case MD3-D). First, we
discuss the fiducial case with the 0.1 M⊙ initial model adopting
β = 1 in Equation (7). The top panel of Figure 4 shows the
evolution of the stellar radius and interior structure. We see
that the evolution differs from the spherical accretion case for
M∗ " 10 M⊙, as previously demonstrated by YB08 (also see
Appendix B.2 for comparison to YB08). For M∗ " 5 M⊙,
the stellar radius is much smaller than for spherical accretion.
An outer convective zone appears in this phase. The protostar
then abruptly inflates during the period 5 M⊙ " M∗ " 9 M⊙.
The maximum radius is ≃ 90 R⊙ for M∗ ≃ 10 M⊙, which
is comparable to the results of the spherical accretion case.
The stellar radius decreases for M∗ ! 10 M⊙, and then finally
follows the mass–radius relationship for main-sequence stars
when M∗ ! 30 M⊙. The evolution for M∗ ! 10 M⊙ is quite
similar to what we discussed above for spherical accretion.

We define the following four phases based on the evolutionary
features: (I) convection (M∗ " 5 M⊙), (II) swelling (5 M⊙ "
M∗ " 9 M⊙), (III) KH contraction (9 M⊙ " M∗ " 30 M⊙), and
(IV) main-sequence accretion phase (M∗ ! 30 M⊙). The top
panel of Figure 5 shows the evolution of the accretion timescale
and KH timescale. We note that tKH significantly decreases at
M∗ ≃ 6 M⊙, when the protostar rapidly inflates. The timescale
balance sharply changes from tacc ≪ tKH to tacc > tKH here.
As with spherical accretion, we attribute the sequence of the
evolutionary phases from (I) to (III) to the inversion of the
timescale balance. The lower panel of Figure 5 shows that this
change is due to the rapid increase of the stellar luminosity
L∗ caused by the decrease of opacity in the stellar interior
with increasing mass. The detailed evolution in each phase is
explained below.

Convection phase. The top panels of Figures 2 and 4 show
that the evolution at M∗ " 5 M⊙ is quite different between
the spherical accretion case and disk accretion case. In the
disk accretion case, the protostellar radius is about one-tenth
of the value obtained for spherical accretion. This is explained
by Equation (4) and the fact that the entropy content within the
star is much lower with disk accretion, a natural consequence
of the different accretion geometry. With spherically symmetric
accretion gas settles onto the star with high entropy generated
in the accretion shock front. For cold disk accretion, on the
other hand, the entropy of the accreting gas is reduced to the
value in the stellar atmosphere by the gas’ ability to radiate
into free space. Mass accretion hardly affects the average
entropy in the stellar interior for the case of cold disk accretion.
Equation (4) shows that the stellar radius decreases according to
R∗ ∝ M

−1/3
∗ in this case. We see this decrease for M∗ " 0.5 M⊙

in Figure 4.
Figure 4 shows that deuterium burning (D-burning) begins

when M∗ ≃ 0.4 M⊙. This is in stark contrast to the spherical
accretion case, where it begins much later (M∗ ≃ 6 M⊙), as
shown in Figure 7. This difference reflects the different evolution
of the maximum temperature within the protostar Tmax (middle
panel of Figure 4). The early rise of Tmax with disk accretion is
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when a main-sequence star undergoes rapid mass accretion
due to mass exchange in close binary systems. Kippenhahn
& Mayer-Hofmeister (1977) and Neo et al. (1977) consid-
ered the accretion of deuterium-free gas onto existing main-
sequence stars. The numerical method they adopted is basi-
cally the same as ours; the protostellar structure was numeri-
cally calculated with a freely radiating photospheric boundary
condition.

Figure 13 shows that the critical Eddington ratio for the
expansion is also L∗/LEdd ≃ 0.5 in the cold disk accretion
limit. Note that there is no additional luminosity component
Lacc here. The accretion luminosity is assumed to have already
radiated into free space before the accreted material settles onto
the star. The critical accretion rate in this case is derived as
follows. As explained in Section 3.2, the stellar luminosity
L∗ significantly rises in the swelling phase. The luminosity
comes from the release of gravitational energy after that.
Figure 13 shows that the stellar luminosity in this phase roughly
follows

L∗ ≃ 3 × LZAMS(M∗) (19)

in all cases considered. The stellar luminosity approaches
LZAMS(M∗) just before the arrival at the ZAMS at the rates
of 10−4 and 10−3 M⊙ yr−1. At the rate of 4 × 10−3 M⊙ yr−1,
however, L∗ approaches 0.5LEdd before reaching the ZAMS
and the abrupt expansion occurs. The stellar mass at which
L∗ ≃ 0.5LEdd is M∗ ≃ 45 M⊙ using Equation (19). In order
to avoid expansion the protostar has to reach the ZAMS with a
mass M∗,ZAMS ! 45 M⊙. This condition is transformed to that
for accretion rates with Equation (15),

Ṁ ! Ṁ∗,cr ≃ 2 × 10−3 M⊙ yr−1. (20)

The derived critical rate is comparable to that for spherically
symmetric accretion, as confirmed by our numerical calcula-
tions.

Our calculations suggest that a massive protostar significantly
bloats up and cannot reach the ZAMS by steady mass accretion if
the accretion rate is higher than a few 10−3 M⊙ yr−1. This feature
is independent of the accretion geometry. If mass accretion
completely shuts off as a result of the fast expansion of the
protostar, there will be an upper mass limit of pre-main-sequence
stars around several tens of M⊙, as discussed in Paper I.
Otherwise, mass accretion might continue in a non-steady
fashion. At least, it is certain that the radius of a massive protostar
reaches several hundreds of R⊙ at the high accretion rate. The
very large radius leads to a low effective temperature of the
protostar.

This is clearly seen with the evolution tracks in the
Hertzprung–Russell diagram (Figure 14). For case MD4x3-
SDm0.5, for example, the stellar luminosity exceeds 105 L⊙ for
M∗ " 18 M⊙, but the effective temperature is only Teff ! 104 K,
the value of a M∗ ! 2.5 M⊙ ZAMS star. The stellar UV lu-
minosity is very low for such low Teff . This is important for
the growth of an H ii region around the protostar (e.g., Hoare
& Franco 2007). Observationally, high-mass protostellar ob-
jects (HMPOs) are considered to be young forming massive
stars prior to the formation of an H ii region. However, a lot of
HMPOs have high infrared luminosity exceeding 104 L⊙ with-
out observable H ii regions (e.g., Sridharan et al. 2002; Beltrán
et al. 2006a; Beuther et al. 2007). There has been some specu-
lation regarding what hinders the growth of H ii regions around
these bright sources. ZAMS stars with such high luminosity
should ionize their surroundings. Some authors have proposed

Figure 14. Evolution tracks in the Hertzprung–Russell diagram for the different
accretion rates of Ṁ = 10−4 M⊙ yr−1 (case MD4-SDm0.1, dotted line),
10−3 M⊙ yr−1 (case MD3-SDm0.1, solid line), and 4 × 10−3 M⊙ yr−1 (case
MD4x3-SDm0.5, dashed line). The symbols on each track indicate the epochs
when the stellar mass reaches 1, 3, 5, 9, and 20 M⊙. The thick dot-solid line
presents the locii of ZAMS stars from Schaller et al. (1992). The open squares
on this line also mark the same stellar masses as above. The stellar radius is
constant along the thin dotted lines at R∗ = 1 R⊙, 10 R⊙, and 100 R⊙.

that rapid mass accretion quenches the growth of H ii regions
by increasing the gas density and recombination rate near the
protostar (e.g., Walmsley 1995). With disk accretion, however,
the H ii region would break out in the polar direction, where the
gas density decreases significantly after the material with low
angular momentum has accreted onto the star or been expelled
in an outflow.

Our calculations well explain the existence of such bright
HMPOs even with disk accretion. Massive stars accreting at
high rates bloat up; their UV luminosity is too low to form the
H ii region.

5. SUMMARY AND CONCLUSIONS

In this paper, we have studied the evolution of massive pro-
tostars with disk accretion at high rates of Ṁ∗ > 10−4 M⊙ yr−1.
We considered the limiting case of “cold” disk accretion,
whereby most of the stellar surface is not affected by the accre-
tion flow, and the accreting material brings a minimum amount
of entropy into the star. We calculated the evolution of protostars
in this limiting case by adopting the photospheric (freely radi-
ating) boundary condition. The calculated evolution was com-
pared and contrasted to the evolution with spherically symmet-
ric accretion, corresponding to the opposite limit, whereby the
accreting gas transports the maximum amount of entropy into
the star.

First, we considered in detail the evolution for Ṁ∗ =
10−3 M⊙ yr−1. The basic evolution via the cold disk accretion
is summarized as follows.

The entire evolution is divided into four evolutionary phases:
(I) convection, (II) swelling, (III) KH contraction, and (IV)
the main-sequence accretion phase. The evolution in the first
three phases varies with different initial models. Roughly
speaking, the stellar radius reaches its maximum 30–400 R⊙ for



観測から示唆されるHII領域形成時の質量�
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Figure 7.3: Luminosity functions of HMYSOs and compact HII regions from Davies et al.
(2011). The data are obtained by the RMS survey. The vertical axis indicates a number of
sources and the horizontal axis shows source luminosity. Blue and red lines indicate the best fit
simulation, where HMPOs reach ZAMS phase at 23 M⊙ considering a large accretion rate. See
Davies et al. (2011) in detail.

and density (∼ 107 cm−3). Several molecular line observations show centrally-peaked gradient
of temperature and density (e.g., Cesaroni 2005; Herpin et al. 2009). They seem to be local
centers of collapse inside natal cluster-forming clump as suggested by Cesaroni (2005).

The temperature gradient manifests dominant internal heating of hot cores, though external
heating may be effective for few limited case (e.g., Zapata et al. 2011). Since hot cores often
do not contain any detectable HII regions, their early-phase heating should be owed to accretion
luminosity of HMPOs in agreement with similar discoveries of hot core-like structures around
low mass class 0 protostars (so-called ”hot corinos”; e.g., Ceccarelli 2005) and intermediate
mass objects (e.g., Sánchez-Monge et al. 2010). On the other hand, hot cores enclosing own HII
region are systematically hot, massive, luminous and chemically enhanced compared to ”pure”
hot cores (e.g., Purcell et al. 2006; 2009). This suggests contiguous evolution of hot cores as a
mass accretion goes on, and it possibly lasts after the stellar ignition.

A lot of hot cores and its natal clumps show infall signature such as the inverse P-cygni
profile of several spectral lines (e.g., Chen et al. 2010; Furuya, Cesaroni & Shinnaga 2011;
Rolffs et al. 2011). The density profile is also similar to that of free-fall collapse (n ∝ 1/r3/2) not
only in HMPO phase (e.g., Beuther et al. 2002a) but also UCHII region phase (e.g., Hatchell

系内MYSOの光度関数とベストフィットモデル(Davies+	2011) �

◯HII領域無し天体の上限質量〜25	Msun前後	
	 	 	 	 	 	→理論的な予想とよくあう？�



1.  大質量原始星段階  2. 電離平衡で決まるHII領域 (ストームグレン球) 

核融合開始 

放射圧 + 熱的圧力  
> 外圧 + 重力 

 
    降着による光子消費 
                &  
    重力 + 外圧 

      による閉じ込め 
     

3. 圧力平衡で決まる半径へ膨張 
   　　　→UCHII領域 

母体コア 
初期HII region 

HII領域の初期進化過程�



予想される天体サイズ�

•  単純な電離平衡から予想されるHII領域サイズ	
	
	
	
•  電離ガスに対する重力半径	

	ここでRg	>	R0であればHII領域は圧力膨張できない	
	 	 	 	 	→HII領域の最小サイズがRgとなる	
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Figure 7.10: The critical accretion rate that will absorb all stellar UV photons as a function
of effective temperature (or spectral type). The plot is from Churchwell (2002) and reference
therein.

Figure 7.10 plot this relation for O4 to B0 main sequence stars (see Churchwell 2002). One can
see that the typical accretion rate for high mass star formation (> 10−5 M⊙ yr−1) can affect or
even suppress a development of HII region. Keto (2002b) has indicated that mass accretion is
continued in a form of ionized accretion flow inside effective R0 as actually detected in several
objects (e.g., Keto 2002a). I only consider gas particles here, but dust grains inside and around a
HII region also contribute to absorption and reduce effective NL itself. These effects and inward
ram pressure of infalling materials remain important in the post-accretion stage, because outer
neutral envelope continues collapse even after the end of central accretion (e.g., Hatchell & van
der Tak 2003).

Even if small HII region is eventually formed, it may not turn on dynamical expansion
immediately because of stellar gravity field. This can be assessed by the gravitational radius Rg.

Rg =
GM∗

c2
i
= 102

(
M∗

20 M⊙

) ( Te

104 K

)−1
au. (7.10)

Effective R0 must be larger than Rg in order to initiate pressure-driven expansion. The equation
(7.4) indicates that this gravitational confinement can be serious even without an accretion flow,
if initial core density is well high (106 – 107 cm−3).

After R0 > Rg, early evolution of a HII region must be affected by circumstellar structures.
Keto et al. (2007) have examined formation of HII region under an accretion flow with finite
angular momentum. In spite of relatively low accretion rate of their model (∼ 10−5 M⊙ yr−1),
an HII region is completely confined inside Rg until host star reaches ∼ 20 M⊙. After that,
small HII region is developed in a bipolar way toward the polar directions because of the dense
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7.4 Formation of HII Region

The formation of HII region can be described by two different equilibrium conditions, i.e., an
ionization equilibrium and a pressure equilibrium. I show the schematic view of its formation
pathway in Figure 7.9. One can estimate the upper-limit size of HII region around a single
ionizing star from these two equilibrium conditions. When we consider uniformly ionized sphere
for simplicity, equation of the ionization equilibrium is,

NL =
4π
3

R3
0n2

eα, (7.1)

here NL, ne and α is, Lyman continuum flux, initial density of electron, the recombination coef-
ficient of H+ to all levels without the ground state, respectively. R0 is the ionization equilibrium
radius (so-called Strömgren radius).

After the ionization equilibrium, the HII region will expand until a pressure equilibrium,
where we will have the relation between ionized gas and surrounding molecular gas as follows,

2nekBTe = nH2kBTH2 , (7.2)

here kB, Te, nH2 and TH2 is the Boltzmann constant, electron temperature, number density and
temperature of natal molecular core, respectively. Initial factor of 2 accounts for total number of
protons and electrons. From the equation (7.1) and (7.2), the final pressure equilibrium radius
Rfin is estimated as,

Rfin =

(
2Te

TH2

) 2
3

R0. (7.3)

I here assumed uniform density of natal core for simplicity and ne is replaced by 2nH2. In
a case of B0 ZAMS star (20 M⊙), for example, NL is 1047.36 s−1 (e.g., Panagia 1973). Then R0
and Rfin is to be,

R0 = 50
( NL

1047.36 s−1

) 1
3
( nH2

107 cm−3

)− 2
3

au, (7.4)

and

Rfin = 8.5 × 10−3
( NL

1047.36 s−1

) 1
3
( nH2

107 cm−3

)− 2
3
( Te

104 K

) 2
3
(

TH2

102 K

)− 2
3

pc, (7.5)

here we adopt α ∼ 3.0 × 10−13 cm3 s−1 (e.g., WC89). As seen in equation (7.4) and (7.5), the HII
region seems to remain very small size if it is fromed inside a typical hot core (107 cm−3, 100
K). This is called as ”Hot Core Confinment” (e.g., De Pree et al. 1995). Xie et al. (1996) have
suggested that strong turbulent pressure is also important for a UCHII region with relatively low
EM that forbids too high initial density.

The characteristic time of the ionization equilibrium t0 is simply,

t0 =
1

neα

= 5.3 × 10−3
( nH2

107 cm−3

)−1
yr, (7.6)

	(20太陽質量のZAMSを仮定)	



実際に観測されるHII領域のサイズ�

•  基本的には〜1000	AU	
•  最も小さいもので〜300AU程度	
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Figure 7.7: The plots from Hoare et al. (2007). Left: Line width versus size for UCHII regions
(crosses), HCHII regions (solid circles) and HMYSOs with radio jets (open circles). Note how
the HCHII regions lie between UCHII regions and the MYSOs. Right: Same as a left, but for
the ratio of the radio luminosity at 8 GHz (W Hz−1) to the bolometric luminosity from the IR
(L⊙). The expected ratio for optically thin H II regions for given spectral type exciting stars
is indicated at top left. The solid line shows the level expected for a stellar wind model with
outflow rate of Ṁ = 10−6 M⊙ yr−1.

Figure 7.8: The different morphologies of HCHII regions from Hoare et al. (2007). Left: the
bipolar NGC 7538 IRS1, Middle: the cometary M17 UC1 and Right: the shell-like G28.20ʵ
0.04.

縦軸:	HII領域のサイズor	電波/赤外光度比	(×	UCHII,	●	HCHII,	○大質量原始星)			
横軸:	RRLの線幅	Hoare	et	al.	(2007) �

最小サイズのHII領域はまだ眠っているはず�



JVN茨城基線によるフリンジサーベイ�

基線長:	〜	82	km	
帯域:	512	MHz	
30m級アンテナx3台	
	
	
角分解能:					80	mas	(X)		
基線感度:					0.6	rms	(10分積分)	
　　→輝度温度で〜10000	K	(7	σ)	
					→極小HII領域を1000天体規模でサーベイを予定	
　　→イメージングは	SKA(-VLBI)でやれば良い？	



何がわかる？�

•  核融合開始時の星質量/バラツキ	

•  最初期HII領域の形状	
	→降着流の空間分布にも制限	

	
•  降着流の変動性		
	→物量変化による電離半径の増減	
	→円盤内縁のタイムスケールで生成消滅？�



SKA-VLBIにおける感度見積もり�



ターゲットの輝度温度と視直径�

輝度温度� 視直径�

原始星大気� 3000	K� 5	au �

降着流	 3000	K� 10	au �

	HII領域� 10000	K� 100	au �

•  500	-	1000	K	(1σ)	程度の感度が必要	
•  分解能は1	-	2masあれば十分	

	→既存望遠鏡との基線は1	–	2	mas	(C/X)	
	(＊5-10	mas分解能で点源仕事なら受かる？)	

•  あまり低周波だと前景放射が邪魔	



フリンジ検出できるか？�

•  Effelsberg級を想定(SEFD〜20	Jy,	帯域2	GHz)	

•  SKA2でのフリンジ検出感度	(10分積分)	

周波数� 平均Beam	
	(mas)�

1σノイズ	(μJy)� 輝度温度	(K)�

5	GHz	 1.7� 3.5	 60000	

8	GHz	 1.0� 3.9� 70000�

20	GHz	 0.4� 6.0� 110000 �

というわけで論外�



位相補償イメージングでの検出�

•  Effelsberg級x4局　(SEFD〜20	Jy,	帯域2	GHz)	
•  5時間積分を想定	

◯HII領域を5σ検出は可能っぽい	
	→中/短基線で10	masビームくらいに抑えれば	
	 	 	 	 	 	 	 	 	 	十分に検出できる	

周波数� 平均Beam	
	(mas)�

SKA1	
輝度温度(K)�

SKA2	
輝度温度	(K)�

5	GHz	 1.7� 7500	 2400	

8	GHz	 1.0� 7700� 2400�

20	GHz	 0.4� 10000� 3111�



何局あればいい？�

HII領域�

原始星大気		
&	降着流�

◯8.4	GHzでの5σイメージング感度�

アンテナ局数�

輝
度
温
度�

•  HII領域はある程度	
	 	 	余裕で検出可能	

•  原始星大気	or	降着流の検出には	
	SEFD	20	Jy級局が最低10以上...	

	
•  光学的に厚いためスペクトル指数〜２	
	

　　　→なるべく高周波(	>	10	GHz)で	
	　分解能を1-2masに抑えたいところ	

	
•  仮に新設望遠鏡を考えるなら	

	 	中基線に高感度の局が欲しい	
	
•  SKA2で3000	km基線があるなら	

	 	 	 	ギリギリそれで足りる？	
	

	
	



その他検討事項�



視野は十分か？�

•  基本SKA局の視野で制限？		
	 	 	 	 	〜	0”.07	@	8.4	GHz	x	4	Beam	

•  分子雲コアスケール<0.1	pcに相当	
	→星団形成クランプの中心部付近のコアを狙う？�N. Peretto et al.: Global collapse of the SDC335 massive star forming cloud
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Fig. 4. (a) Same as in Fig. 1a; (b) ALMA-only image of the N2H+(1-0) integrated intensity over the 7 hyperfine structure components. The
rms noise on the resulting map is ⇠ 6 mJy/beam km/s. The contours go from 0.1 to 1.5 in steps of 0.7 Jy/beam km/s and 1.5 to 9 in steps of
1.5 Jy/beam km/s. The crosses mark the positions of the two dense cores. The ALMA beam is represented as a yellow elliptical symbol in the
bottom-right corner of the image. We can see the excellent match between the Spitzer dust extinction of the filaments and the N2H+(1-0) emission;
(c) ALMA N2H+(1-0) velocity field using the first order moment map. The crosses mark the positions of the cores and the contours are the same
as in the (b) panel.

4.2. Mopra HCO+(1-0) self-absorbed lines

HCO+ is a well-known tracer of dense gas in molecular clouds.
In these regions, HCO+(1-0) can be optically thick, in which
case the line shape can provide information of the global motions
of the gas along the line of sight (e.g. Fuller et al. 2005; Smith
et al. 2012). The HCO+(1-0) observations towards SDC335
(Fig. 3) show blue-shifted self-absorbed spectra in the bulk of
the cloud. Such line profiles are expected for an optically thick
tracer of idealized collapsing clouds in which the excitation tem-
perature is rising towards the centre. What is important to note
here is the extent (over at least 12 independent Mopra beams)
over which this spectral signature is observed, and the absence
of any other line asymmetry. For expanding motions we would
expect red-shifted self-absorbed spectra, while in the case of ro-
tation blue-shifted and red-shifted spectra on either side of the
rotation axis should be produced. Therefore these HCO+(1-0)
observations towards SDC335 already rule out the possibility of
a rotating or expanding cloud, and strongly suggest that SDC335
is collapsing.

SDC335 is well enough characterised that we can estimate
the HCO+ abundance using the 1D non-LTE RADEX radia-
tive transfer code (van der Tak et al. 2007). This code predicts
line intensities based on a set of input parameters for which we
have strong constraints: the kinetic temperature (20 ± 5 K, esti-
mated from Herschel data), the cosmic background temperature
(2.73 K), the central H2 density averaged over the Mopra beam
(6 ± 1 ⇥ 104 cm�3, estimated from the column density map pre-
sented in Fig. 1), and the velocity dispersion (1.3 ± 0.3 km/s;
cf Sect. 5.4). Then we iterate on the last input parameter, i.e.
the molecule column density, to match the model line intensities
with the observed line temperature, i.e. T peak

HCO+ = 6.4(±0.2) K on
the Tmb scale. Doing so, we obtain NHCO+ = 6+7

�3 ⇥ 1013 cm�2,
corresponding to an abundance XHCO+ = 7+8

�4 ⇥10�10. The corre-
sponding excitation temperature is Tex = 10.4+1.2

�0.7 K, confirming
that HCO+(1-0) is not thermalised. Using the same set of param-
eters, we performed the same exercise for the central H13CO+(1-

0) line (se Fig. B.1), which has T peak
H13CO+ = 1.2(±0.2) K on the

Tmb scale. For this line we obtain NH13CO+ = 4+3
�2 ⇥ 1012 cm�2,

corresponding to an abundance XH13CO+ = 5+3
�3 ⇥ 10�11. The cor-

responding excitation temperature is Tex = 6.5+2.7
�1.2 K. Therefore,

as for HCO+(1-0), H13CO+(1-0) is not thermalised. Note that
the lower excitation temperature of H13CO+(1-0) is most likely
due to a lower beam-filling factor. Another important point is
that given the abundances we calculated for both molecules, we
obtain an abundance ratio 15  [HCO+]/[H13CO+]  20. The
[12C]/[13C] ratio is known to increase as a function of the galac-
tocentric radius, and at the galactocentric distance of SDC335
(i.e. ⇠ 5 kpc) the predicted [12C]/[13C] is around 30 (Langer &
Penzias 1993; Savage et al. 2002). The value we find is about
half this value, which, considering the uncertainties on these
kinds of measurements, is in reasonable agreement. We use the
latter value of the fractional abundance for the radiative mod-
elling presented in Sect. 5.3.

4.3. ALMA N2H+(1-0) cloud velocity field

Figure 4b shows the ALMA N2H+(1-0) integrated-intensity map
of SDC335. The visual comparison with the Spitzer image of
SDC335 demonstrates how e�cient this molecule is in tracing
the network of pc-long filaments seen in dust extinction. This
justifies our choice of using this line to trace the filaments kine-
matics. On the other hand, we can also see that N2H+ is a poor
tracer of the cores, where the central heating may have partly
removed it from the gas phase (Zinchenko et al. 2009; Busquet
et al. 2011).

Figures 4c and 5 show that SDC335 velocity field is ho-
mogeneous in each filament, with distinct velocities from fila-
ment to filament (e.g. < VF1 >= �47.4 ± 0.1 km/s; < VF3 >=
�45.8 ± 0.2 km/s). It becomes more complex towards the centre
of the cloud. In Fig. 5 we see that two separate velocity com-
ponents are present close to MM2, while the broad asymmet-
ric line profiles around MM1 suggest their blending, consistent
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天体サンプル数は？�

•  予想されるタイムスケール	
1.	極小HII領域	
2.	膨らんだ原始星大気	

	 	 	 	 	+	降着流	
→ざっくり104	yr程度？	

•  降着期のタイムスケール 
は<	105	yr程度	

　→実は10%くらいは	
	 	 	観測ターゲットかも	
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Figure 2. Evolution of a protostar via spherical accretion at a rate Ṁ∗ =
10−3 M⊙ yr−1 (case MD3-S, taken from Paper I). Upper panel: evolution of
the interior structure of the protostar. The gray-shaded areas denote convective
layers. The hatched areas indicate layers with active nuclear burning, where
the energy production rate exceeds 10% of the steady rate, 0.1LD,st/M∗ for
deuterium burning and 0.1L∗/M∗ for hydrogen burning. The thin dotted curves
show the locations of mass coordinates M = 0.1, 0.3, 1, 3, 10, and 30 M⊙.
Lower panel: evolution of the accretion timescale tacc (dashed line), and the
Kelvin–Helmholtz (KH) timescale tKH (solid line). In each panel, the shaded
background denotes the four evolutionary phases: (I) adiabatic accretion, (II)
swelling, (III) KH contraction, and (IV) main-sequence accretion phases.

times (adiabatic accretion). The average entropy within the star
increases with the accreted mass, which according to Equa-
tion (4) means that the stellar radius should also grow. This is
indeed the case in phases (I) and (II). As the average density
decreases and the temperature increases, the opacity decreases;
radiative heat transport becomes more efficient with increasing
stellar mass.

For M∗ ! 6 M⊙ (phase (II)) radiative heat transport is ef-
ficient enough to modify the entropy distribution within the
star. The deep interior (where ∂L/∂M > 0) loses entropy,
whereas the outer surface regions (where ∂L/∂M < 0) gain
a significant amount of entropy. This gain in entropy results
in the “bloating up” of the star up to !100 R⊙ at maximum.
Figure 3 shows that the boundary between the heat-losing inte-
rior and heat-gaining outer layer, namely, where ∂L/∂M = 0,
moves toward the stellar surface with increasing stellar mass.
Stahler et al. (1986) called this characteristic behavior of lumi-
nosity profiles a “luminosity wave.” The stellar surface luminos-
ity L∗ rapidly increases when the luminosity wave approaches
the stellar surface. After the luminosity wave passes through the
surface, the star can efficiently lose energy by radiation. The
star contracts to maintain virial equilibrium (KH contraction;
phase (III)). The interior temperature rises during the contrac-

tion. Active hydrogen burning begins when the central temper-
ature exceeds 107 K. After that, the stellar radius increases
following the mass–radius relation of main-sequence stars
(phase (IV)).

3.2. Case with Cold Disk Accretion

3.2.1. Fiducial Model

We now consider stellar evolution with cold disk accretion
at the same rate Ṁ∗ = 10−3 M⊙ yr−1 (case MD3-D). First, we
discuss the fiducial case with the 0.1 M⊙ initial model adopting
β = 1 in Equation (7). The top panel of Figure 4 shows the
evolution of the stellar radius and interior structure. We see
that the evolution differs from the spherical accretion case for
M∗ " 10 M⊙, as previously demonstrated by YB08 (also see
Appendix B.2 for comparison to YB08). For M∗ " 5 M⊙,
the stellar radius is much smaller than for spherical accretion.
An outer convective zone appears in this phase. The protostar
then abruptly inflates during the period 5 M⊙ " M∗ " 9 M⊙.
The maximum radius is ≃ 90 R⊙ for M∗ ≃ 10 M⊙, which
is comparable to the results of the spherical accretion case.
The stellar radius decreases for M∗ ! 10 M⊙, and then finally
follows the mass–radius relationship for main-sequence stars
when M∗ ! 30 M⊙. The evolution for M∗ ! 10 M⊙ is quite
similar to what we discussed above for spherical accretion.

We define the following four phases based on the evolutionary
features: (I) convection (M∗ " 5 M⊙), (II) swelling (5 M⊙ "
M∗ " 9 M⊙), (III) KH contraction (9 M⊙ " M∗ " 30 M⊙), and
(IV) main-sequence accretion phase (M∗ ! 30 M⊙). The top
panel of Figure 5 shows the evolution of the accretion timescale
and KH timescale. We note that tKH significantly decreases at
M∗ ≃ 6 M⊙, when the protostar rapidly inflates. The timescale
balance sharply changes from tacc ≪ tKH to tacc > tKH here.
As with spherical accretion, we attribute the sequence of the
evolutionary phases from (I) to (III) to the inversion of the
timescale balance. The lower panel of Figure 5 shows that this
change is due to the rapid increase of the stellar luminosity
L∗ caused by the decrease of opacity in the stellar interior
with increasing mass. The detailed evolution in each phase is
explained below.

Convection phase. The top panels of Figures 2 and 4 show
that the evolution at M∗ " 5 M⊙ is quite different between
the spherical accretion case and disk accretion case. In the
disk accretion case, the protostellar radius is about one-tenth
of the value obtained for spherical accretion. This is explained
by Equation (4) and the fact that the entropy content within the
star is much lower with disk accretion, a natural consequence
of the different accretion geometry. With spherically symmetric
accretion gas settles onto the star with high entropy generated
in the accretion shock front. For cold disk accretion, on the
other hand, the entropy of the accreting gas is reduced to the
value in the stellar atmosphere by the gas’ ability to radiate
into free space. Mass accretion hardly affects the average
entropy in the stellar interior for the case of cold disk accretion.
Equation (4) shows that the stellar radius decreases according to
R∗ ∝ M

−1/3
∗ in this case. We see this decrease for M∗ " 0.5 M⊙

in Figure 4.
Figure 4 shows that deuterium burning (D-burning) begins

when M∗ ≃ 0.4 M⊙. This is in stark contrast to the spherical
accretion case, where it begins much later (M∗ ≃ 6 M⊙), as
shown in Figure 7. This difference reflects the different evolution
of the maximum temperature within the protostar Tmax (middle
panel of Figure 4). The early rise of Tmax with disk accretion is



ざっくり結論:		
SKA-VLBIで熱放射が見えるか？�

•  可能性のあるターゲットは	
	(1)	原始星大気	(2)	降着流	(3)極小のHII領域	

•  空間スケールは5	–	100	au、輝度温度は3000	–	10000	K	

•  SKA1ではまず無理	
•  SKA2では厳しいが可能性0ではない	

	1.	フリンジ検出は無理、位相補償必須	
	2.	イメージングは相手局の数と感度次第	
	 	(→e.g.,	SEFD	〜20	Jyを10局、帯域2	GHzで長時間)	
	 	→HII領域の方は真面目にターゲットになりうる	

	
•  10	GHz以上で分解能を1-2	masに抑えて輝度温度感度を確保したい	
	

•  視野はSKA局1ビームあたり分子雲コア1個	
	→星団形成クランプの中心付近をターゲットサーベイする？	

	
•  天体数は若いMYSOの100個に1	–	10個くらい	


